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PREFACE 

THE purpose of observational research in astrophysics is to present a 
unified picture of a series of phenomena and to explain it in terms of 
a theory or hypothesis. The temptation is always to accumulate more 
and more factual data and to delay the process of interpretation, be
cause we rarely, if ever, feel satisfied that we have enough informa
tion to justify a generalization. It requires some outside stimulus to 
interrupt this trend and to direct the researcher's attention to the 
task of drawing conclusions from the available material. 

The Vanuxem Lectures at Princeton in 1949 presented a favorable 
occasion for taking stock in one field of astrophysics—that of the ori
gin and evolution of single stars and, more especially, of close double 
stars. This subject has been treated before by other workers, but 
since their observational basis was different from mine I thought that 
it would be interesting to present this subject in the light of my own 
experience at the telescope. I found the process an exhilarating one 
and I have thoroughly enjoyed writing this book. I am, however, 
conscious of the fact that of necessity there is a great deal of specula
tion in any attempt to discuss the evolution of the stars; the mind of 
a scientist trained to recognize new facts and to measure them shies 
away from the hollowness of weakly founded hypotheses or of various 
ad. hoc assumptions. In some respects the observational astronomer 
knows too many facts to be entirely satisfied with almost any hypoth
esis: there are always some exceptional stars which defy him. The 
book is not an exhaustive survey and some of the hypotheses presented 
in it will be of value primarily in guiding future efforts. 

In trying to discover the origin and the evolution of the stars the 
astronomer is confronted with only a snapshot of the galaxy as it is 
now. He is in the same position as an observer from a distant planet 
would be if he were given the task of describing the evolution of 
mankind after having seen the earth for a period of one second. He 
might record the existence of children, mature persons, and older 
men and women; and he might correctly conclude that there is 
evolution from young to old. But, as Professor E. Finlay-Freundlich 
of St. Andrews recently remarked, he might also conclude that since 
evolution means growth, a child will ultimately develop into an 
elephant! Erroneous conclusions of this kind can easily enter into 
our discussions and we must at all times be aware of the hypothetical 
nature of the evolutionary processes which we shall discuss. 

ix 
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The history of previous evolutionary hypotheses teaches us that 
most of them were wrong. Yet, they have contributed to our under
standing of the universe and have, in almost every case, left a perma
nent imprint upon later hypotheses. I hope that the present effort 
will be useful in a similar manner. It is not intended as a final ex
planation of the development of the stars, but only as an attempt to 
try out certain ideas and see where they lead us. In doing so we shall 
encounter many weaknesses but also some interesting and unexpected 
connections. 

In the theoretical aspects of this book I have been influenced by 
three recent publications: C. F. von Weizsaecker, "Zur Kosmogonie" 
(Zs-f- Ap., 24, 181, 1947); A. Uns5ld, "Kernphysik und Kosmologie" 
(Zs-J- ^P-I 24, 278, 1948); and V. Ambarzumian, The Evolution of Stars 
and Astrophysics (Armenian Academy of Sciences, Erevan, 1947). The 
theory of turbulence developed by Taylor, Prandtl, v. Weizsaecker, 
Heisenberg, Kolmogoroff, and Chandrasekhar has brought a new 
and remarkably fruitful element into astronomy. A critical review 
of the earlier hypothesis of von Weizsaecker, on the origin of the solar 
system, has been recently published by D. ter Haar ("Studies on the 
Origin of the Solar System," Det KgL Danske Videnskabernes Sels-
kab, Mat.-Fys. Medd., 25, No. 3, 1948). Two important Russian re
views, by V. G. Fessenkoff, "The Problem of Cosmogony in Con
temporary Astronomy" (Astronomical Journal of the Soviet Union, 26, 
67, 1949) and A. J. Massevich, "Stellar Evolution Accompanied by 
Corpuscular Radiation" (Astronomical Journal of the Soviet Union, 26, 
207, 1949) closely parallel the results of our Chapter II. They arrived 
after this manuscript had been completed. An up-to-date summary 
of the nuclear theory of stellar energy has been presented by one of 
its originators, R. d'E. Atkinson, in the Halley Lecture for 1949 (The 
Observatory, 69, 161, 1949). 

In keeping with the original purpose of the lectures, this book is 
intended not so much for astronomers as for physicists, chemists, 
geologists, and all those who are interested in the processes of evolu
tion in the material universe. We cannot be sure that we understand 
all astronomical phenomena correctly. But we have, perhaps for the 
first time in history, a few fleeting glimpses of the truly magnificent 
and awe-inspiring panorama of creation. We are no longer limited 
to our own ability to reason out what went before and what will come 
next, but we can actually see, with our own eyes, how stars shed mat
ter at their equators and produce gaseous rings and envelopes around 
them, thereby losing mass and rotational momentum; or how newly 
formed stars gather up dust from the clouds of diffuse interstellar 
matter in which they are embedded, and thereby gain mass, and 
probably rotational momentum. 
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The exposition is, for the most part, popular, and should present 
no great difficulties to the layman. But a few technical developments 
have been retained to whet the appetite of the reader and to show 
him how the results have actually been obtained. The presentation 
is usually historical in character and has been strongly influenced by 
the work of my colleagues at the Yerkes and McDonald Observa
tories. 

Most of the illustrations have been taken from other publications, 
but a few, viz. No.'s 2, 4, 5, 6, 8, 9, 10, 11, 12, 13, 14, and 15 have 
been redrawn by Mr. Henry Horak, to whom I am indebted for this 
help. In the present form these diagrams are consistent with one an
other, but no effort has been made to change the luminosities to the 
bolometric scale where they were not already so given by the original 
authors. The diagrams for the Pleiades and Praesepe were originally 
given in the form of color-apparent magnitude plots. Mr. Horak has 
converted them into the conventional H-R form, in such a way as to 
obtain the best fit for the main sequence. 

I am indebted to many astronomers for information, published 
and unpublished. I want to record especially my gratitude to Pro
fessor H. N. Russell for many valuable suggestions, to Dr. P. Swings 
for many thought-provoking discussions, and to Dr. B. Stromgren for 
an account of his present views concerning the problem of hydrogen 
content. Dr. E. Schatzman has directed my attention to certain in
consistencies between the results of observation and the theoretical 
path which a star might be expected to follow. Miss Alice Johnson 
has been responsible for most of the photographic work, and Mrs. 
Margaret Phillips has done the typing. Mr. Robert Hardil made a 
number of helpful suggestions. The Astrophysical Journal has fur
nished most of the illustrations. Other acknowledgments appear in 
the text and the legends of the figures. 

OTTO STRUVE 
Andrew MaeLeish Distinguished 
Service Professor of Astrophysics 

Yerkes Observatory 
University of Chicago 
May 15, 1949 
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a 
PROBING THE STARS' 

CHEMICAL COMPOSITION 

7. Introduction 

PERHAPS the most remarkable property of the starry sky is the tre
mendous diversity among the apparent brightnesses of the individual 
stars. The brightest of the fixed stars, Sirius, is almost two billion 
times more luminous, as seen from the earth, than the faintest stars 
that can be photographed with our most powerful telescopes. We 
realize at once that this diversity in apparent luminosity must indi
cate a large range in stellar distances; and, in fact, one hundred years 
ago astronomers tried to derive these distances upon the assumption 
that the intrinsic luminosities of the stars are all approximately the 
same. But this assumption, necessary though it was when no better 
method was available, clearly led to some rather serious inconsisten
cies. For example, a cluster of stars, like the Pleiades, is from its shape 
and appearance clearly discerned as an aggregation of stars which 
are all at approximately the same distance from us. Such a cluster 
contains bright, blue stars which are easily seen with the naked eye 
(Alcyone has an apparent magnitude of 3.0, about 2.5 times fainter 
than the Pole star whose apparent magnitude is 2.0), while the faint
est stars in the cluster, visible only in large telescopes, are red in color 
and are almost a million times fainter. This is an intrinsic difference 
in luminosity, not one produced by differences in distance. Other 
clusters permit us to extend the true range in intrinsic luminosity— 
among the known stars there are some which are a million times 
more luminous than the sun and there are others which are a million 
times less luminous, a range of almost IO12. 

At the same time, we have already commented upon the range in 
color among the stars of the Pleiades. This is evidently due to differ
ences in the surface temperatures of the stars, so that in this respect, 
also, there is a large range in values among the building blocks of our 
galaxy, the Milky Way. The hottest stars may have surface temper
atures of the order of 100,000°K, while the coolest stars are barely 
red-hot, 2,000°K at the most, which is less than the temperature of 
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an electric laboratory furnace and very much less than the temper
ature of the inside an atomic bomb in explosion. 

We have also convincing evidence that the stars differ enormously 
in size. The infrared component of the double star Epsilon Aurigae 
is so large that traveling with an orbital velocity of 30 km/sec around 
its bright primary star it eclipses the latter for about 500 days! This 
means that the segment of the infrared star behind which the bright 
star passes during its eclipse has a length of 

d = 30 X 500 X 24 X 60 X 60 km = 2 X IO9 km. 

If the eclipse were central, d would be the diameter of the infrared 
star. In reality the eclipse is not central, and the plane of the orbit is 
not exactly in the line of sight. It turns out that the diameter of the 
infrared star is approximately 4 X IO9 km, or 3,000 times the diam
eter of the sun. On the other hand, the smallest known stars, the 
white dwarfs, have diameters no larger than that of the earth, or 
even of the moon—400 times smaller than the sun. The range in 
radius, therefore, is of the order of IO6. 

As we shall see, the stars also differ greatly in mass, although the 
range is not as large as in radius or luminosity. The most massive 
stars exceed the sun by a factor of about fifty. The least massive are 
ten times lighter than the sun. Investigations under way at the Sproul 
Observatory of Swarthmore College, under the direction of P. van 
de Kamp, have made it probable that there are even less massive 
stars. Thus, K. Aa. Strand has announced the existence of a third 
component in the system 61 Cygni, with a mass of 0.016 that of the 
sun—only 16 times greater than that of Jupiter. 

With all this diversity in the physical characteristics of the stars, 
the question naturally arises whether all possible combinations of 
intrinsic brightness, temperature, and radius, as well as of mass, are 
equally probable. 

Let us imagine that we have plotted, in a three-dimensional model, 
the luminosities, radii, and masses as the three coordinates. Each 
star would be represented by a point in the space outlined by our 
three coordinates. If all combinations of values were equally prob
able the points would fill the volume uniformly. In reality, however, 
it turns out that many regions of the volume are empty. The points 
arrange themselves in several groups, or sheets, some of which are 
quite thin so that they resemble mathematical surfaces, while others 
are fairly thick, resembling three-dimensional volumes. Moreover, 
the density of the points within the surfaces and volumes is not the 
same. One narrow band which extends from small values of mass, 
radius, and luminosity, runs diagonally across the octant, clear 
through to the largest values of all three parameters and contains 
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the vast majority of all the points. This band is called the main se
quence. The sun belongs to it, and so do most of the familiar stars, 
Sirius, Vega, Procyon, etc. But even within the band the density of 
the points is not uniform. It is about one hundred times greater near 
the lower end, where mass, radius, and luminosity are small, than 
at the upper end. 

This remarkable property of the stars to occur preferentially with 
certain definite combinations of their physical characteristics suggests 
that evolutionary trends have favored these, and no other, combina
tions. It is for this reason that whenever astronomers meet to discuss 
their problems they can be heard to repeat over and over again the 
mysterious letters L, SJl, and R. To the initiated they designate the 
three principal physical parameters which determine the individual 
character of a star: its luminosity, mass, and radius. Unfortunately, 
we cannot measure these quantities directly. Visual or photographic 
observations give us the apparent luminosity and not the intrinsic 
candlepower of the star. In order to find the latter we must know its 
distance and also the absorbing properties of the interstellar medium. 

2. The Luminosities of the Stars 

For the nearby stars the distances can be determined by means of 
a trigonometric procedure which makes use of the orbital motion of 
the earth around the sun. The usual method consists in photograph
ing, through a large telescope, the star whose distance is to be deter
mined, together with a field of very distant stars. The photograph is 
repeated half a year later when the earth in its motion around the 
sun has moved to a new position in space 186 million miles removed 
from the original position. This displacement of the point of observa
tion causes a slight "parallactic" displacement of the nearby star 
with respect to the more distant stars of the galactic system. We 
measure the displacement in microns on the photographic plate and, 
knowing the focal length of the telescope, we can easily convert it into 
angular displacements on the apparent celestial sphere. For the 
nearest star, Alpha Centauri, the maximum displacement obtainable 
in this manner is two seconds of arc, or about 0.2 millimeter, in the 
focal plane of a very large telescope. This is the angle under which 
the diameter of the earth's orbit would be seen from the star. One-
half this angle is called the parallax of the star. The distance itself, 
in kilometers or miles, follows immediately from the simple trigo
nometric solution of the isosceles triangle whose base is the diameter 
of the earth's orbit and whose apex is formed by the star. Because of 
the very great distances of all the fixed stars it is convenient to use as 
the unit of measurement a quantity designated as the parsec. This 
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is the distance of a star from which the diameter of the earth's orbit 
would appear to subtend an angle of 2 seconds of arc, or the radius 
of the earth's orbit an angle of 1 second of arc. The parsec is equal 
to 3 X IO13 km. If a star has a parallax angle of 0.1 second of arc its 
distance is 10 parsecs or 3 X IO14 km, etc. Astronomers have decided 
to compare the intrinsic luminosities of the stars by assuming that 
they are all brought to a distance of 10 parsecs. Hence, if a star hap
pens to be at that distance its apparent luminosity is said to be equal 
to its intrinsic or absolute luminosity; but if the real distance of a star 
is not 10 parsecs but, let us say, D parsecs, then the absolute lumi
nosity exceeds the apparent luminosity by a factor of (Z)/IO)2, be
cause the intensity of light is inversely proportional to the square of 
the distance. Thus, if the apparent luminosity is I the intrinsic lumi
nosity would be 

L = KD/10)2. 

But astronomers frequently measure the luminosity of a star, appar
ent as well as intrinsic, on a logarithmic scale; and they describe 
these quantities as stellar magnitudes: 

m = —2.5 log I 

M = —2.5 log L. 

The second expression can be transformed by means of the relation 
between L and /, into 

M = -2.5 log I - 5 log D + 5 = m + 5 - 5 log D. 

For example, let us suppose that a star whose apparent luminosity 
corresponds to visual magnitude 6 has been found by the trigo
nometric method to be at a distance of 100 parsecs. If this same star 
could be brought to a distance of 10 parsecs the intensity of its light 
would be increased IO2 or 100 times. Hence, the difference in mag
nitude is 2.5 log 100, so that dm is equal to 5. Our star will thus be 5 
magnitudes brighter than we actually observe it to be, and since 
the magnitude scale is adjusted in such a way that brighter stars have 
smaller values of m the absolute magnitude of the star would be +1. 
We ean verify this result by substituting 100 for D and computing 
the absolute magnitude from the formula M — m + 5 — 5 log D. 

In these computations we have neglected the effect of absorption 
in interstellar space. In reality the space between the stars is not 
completely transparent, and very distant stars appear somewhat 
fainter and at the same time redder than would be the case if space 
were transparent. A suitable correction can sometimes be introduced 
when the absorption is known, but in many cases this quantity is 
quite uncertain. A star may happen to be located in a very trans-
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parent region where the dimming of starlight may amount to only a 
few tenths of a magnitude per 1,000 parsecs. On the other hand, 
many stars are partly obscured by dark clouds of cosmic dust and 
gas. Some of these clouds are nearly opaque, so the stars behind them 
cannot be seen at all. Such clouds are present in the constellations 
Taurus, Ophiuchus, and others. On the average the absorption 
in interstellar space is approximately one magnitude per 1,000 par
secs; hence, the correct expression for the absolute magnitude is 
M = m + 5 — 5 log D — K, where the quantity K is the photo
graphic or visual absorption for the star under consideration. 

One further convention must be explained before we can proceed 
and make use of the scale of absolute magnitudes. The stars are not 
all of the same color. Some are blue, others are reddish. Hence, the 
apparent magnitudes will not be the same if we measure the light of 
a star with a visual photometer or with a blue-sensitive photographic 
plate. Similarly, the absolute magnitudes will not be the same if we 
compute them with the formula given above. Hence, it is necessary 
to distinguish between visual absolute magnitudes and photographic 
absolute magnitudes. Both scales, and some others, are in use. For 
example, there are photoelectric absolute magnitudes and red or 
even infrared absolute magnitudes. Yet, for our purposes the really 
significant physical quantity is the luminosity of a star corresponding 
to its entire radiation. This quantity cannot be directly measured 
because the earth's atmosphere absorbs all radiations shorter than 
about wave length 3,000 A and most radiations longer than about 
wave length 10,000 A; but we know from various investigations that 
it is possible, at least as a first approximation, to consider the radia
tion of a star as that of a black body whose temperature is equal to 
the effective temperature of the star. Thus, if we have some measure 
of the star's surface temperature we can make corrections for the 
amount of light which is not accessible to our observations and we 
can express the luminosity in terms of the total radiation in all wave 
lengths. This kind of absolute magnitude is described as the bolo
metric magnitude. The corrections which must be made in passing 
from one of the other systems to the bolometric system have been 
tabulated and are also available in graphical form. We are never 
really concerned with the zero-point of this correction, since it is 
immaterial whether we call the absolute magnitude of the sun +4.8 
or some other value. Hence, we have adopted the convention of 
calling the bolometric correction of the sun zero. This is convenient 
because it so happens that in solar-type stars most of the radiation is 
concentrated in the visual region of the spectrum. For hotter stars 
the maximum is displaced towards the unobservable ultraviolet; for 
cooler stars it is in the unobservable infrared. Hence, the bolometric 
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magnitudes of stars of other types are brighter than their visual or 
photographic magnitudes—by as much as 2 magnitudes for the O 
and M stars, respectively. 

The bolometric absolute magnitude is particularly interesting be
cause it is related in a very simple way to the temperature of the star 
and its radius. According to the law of Stefan-Boltzmann the total 
radiation of a square centimeter of the surface of a black body in all 
directions is σΤ4 where σ is a numerical constant accurately known 
from physical experiments and theory. If the radius of the star is R 
in centimeters then the total radiation is AirR2a Ti and the bolometric 
absolute magnitude 

Afi = -2.5 log 4irR2cT4. 

In many cases it is not possible to determine accurately the distance 
of a star and thus to derive the absolute bolometric magnitude. But 
occasionally we can observe groups of stars, such as those located in 
globular star clusters or in open galactic clusters, like the Pleiades, in 
which we know from the spatial arrangement of the individual stars 
that they are all approximately at the same distance from us. If we 
measure the apparent magnitudes of these stars and take them rela
tive to a fixed standard, we obtain very accurate measures of differ
ences in intrinsic luminosity or absolute magnitude and these values 
are often preferable to those obtained by applying individual correc
tions for the distances of the stars. But, of course, it must be remem
bered that we can discuss in such cases only relative absolute magni
tudes and not their real values. 

3. The Radii of the Stars; Their Temperatures and Spectra 

The next most important physical quantity for each star is its 
radius. This again is a quantity that cannot be determined directly, 
except in the case of a very small number of giant and supergiant 
stars which can be measured by means of a very large interferometer. 
Such measures are difficult at best and they are available for such a 
small number of objects that we cannot make extensive use of them. 
But they confirm values of the radius which are computed from the 
relation between the intrinsic luminosity and the surface brightness 
of the star. As we have already seen, the absolute bolometric mag
nitude 

Mb = -2.5 log AirIPaTi. 

Hence, if the absolute bolometric magnitude is known and if in addi
tion we know the temperature of the star, we can compute its radius. 
We already know how Mb can be determined. Our next question is 
how to determine the temperature. In the case of the sun it is possible 
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to measure, by means of a suitable instrument, the amount of radiant 
energy which is received by each square centimeter of a surface placed 
at right angles to the incoming rays. This quantity is somewhat less 
than the radiation which would have been received if there were no 
absorption in the earth's atmosphere. But by measuring this quan
tity at different elevations of the sun above the horizon we can vary 
the path which the light has traveled through the air and then ex
trapolate the measured quantities for zero thickness of air. The result 
is usually given per minute of time and is expressed in calories. It is 
called the solar constant and amounts to 1.90 calories per square 
centimeter per minute or 1.33 X IO6 ergs per square centimeter per 
second. The quantity which we would like to know is the amount of 
radiant energy which is emitted in all directions per second of time 
by each square centimeter of the sun's surface. If the distance of the 
earth from the sun is r and if the radius of the sun is R then the total 
radiated energy at the sun's surface would be (r/R)2 times greater 
than the solar constant. The quantity r/R is the reciprocal of the 
angle in radians under which the radius of the sun, 16 minutes of arc, 
is seen from the earth. Hence, r/R equals approximately 215, and 
the solar radiation per square centimeter per second 

σ Τ 4 = 6 X IO10 erg/cm2/sec. 

The constant of the Stefan-Boltzmann law σ = 5.8 X IO-5, expressed 
in centimeter-gram-second units. Introducing this numerical value, 
we find that the surface temperature of the sun, which we describe as 
the effective temperature, is Te = 5,700°. 

In the case of the fixed stars it is usually not possible to determine 
the effective temperatures because we cannot measure the actual 
amount of radiant energy coming from these stars. Hence, it is 
necessary to employ other, less direct, methods of inferring their 
temperatures. 

The most useful method of determining the temperatures of the 
fixed stars is to measure as accurately as is possible the distribution of 
the intensity at different wave lengths in the continuous spectra. We 
know from detailed studies of this sort that the energy distributions 
of the different stars tend to resemble the distribution predicted by 
Planck's radiation law 

Although we now know that the use of the black-body energy dis
tribution, which is implied by the adoption of Planck's function, is 
only a crude approximation, the results are fairly good. It is desirable 
in practice to measure the energy within the continuous spectrum of 
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a long interval in wave length. In this manner we can derive em
pirical curves which can then be matched with a series of theoretical 
curves computed for different values of the temperature. The value 
of T which provides the best fit is described as the color temperature 
of the star. Sometimes it is not even necessary to use a spectrograph 
and to make measurements within very narrow intervals of wave 
length. With the help of colored filters, photographic and especially 
photoelectric determinations of the apparent magnitudes of the stars 
can be used in order to determine the differences of magnitude ob
tained in different wave lengths. These quantities are called the 
color indices of the stars and they can be accurately calibrated in 
terms of the color temperature. 

Finally, there are several excellent spectroscopic methods which 
enable us to determine the excitation temperature of a star's atmos
phere and its ionization temperature. The former is derived by 
means of intensity measurements of spectral lines of a single atom or 
ion. If we have measured a spectral line originating from an excited 
level whose potential is Es in two stars which we shall designate by 
the prime and double prime superscripts, then the Boltzmann rela
tion for each star gives us the population in level s with respect to the 
ground level 1: 

T > 1 / 77 5040 log n', = log η ι - Ε,-ψ-

i n ι n c log η', = log η" ι - Es-J7r-

We have neglected two small corrections which measure the statis
tical weights of each spectroscopic term. The values n\ and η"ι are 
not known but we can eliminate them if we measure a pair of spectral 
lines, one at level .r and the other at level t. We then find by subtrac
tion 

loS Jr - loS = 5040(Et - E,)(±7 -

Hence, if the excitation potentials are known and if, in addition, we 
know the temperature of one of the two stars we can, in principle, 
compute the temperature of the other star. In practice, however, it 
is not always easy to express the ratios n's/n"s and n't/n"t in terms 
of the measured absorptions within the spectral lines. The difficulty 
which here arises is one that is always present when we try to in
terpret the absorption spectrum of a star. Only in the case of very 
faint spectral lines are the two ratios of the populations in the rele
vant atomic states directly proportional to the measured absorptions 
within the spectral lines. For stronger lines this direct proportionality 
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breaks down, and it is necessary to have recourse to a method involv
ing the construction of a so-called curve of growth which represents 
in a rather complicated manner the relation between the numbers of 
absorbing atoms and the corresponding intensities of the resulting 
absorption lines. Granting that such a curve can be constructed, 
there is no further difficulty in determining the excitation tempera
ture of a star with respect to some standard such as the sun. This 
method has been used a great deal in recent years. It has often led 
to temperatures which are somewhat lower than those obtained by 
the color measurements, but the two quantities are closely related to 
one another and it is always possible to convert the one into the other. 
The reason why they are not identical is that the spectral lines are 
produced at a somewhat higher level in the atmosphere of the star 
than the continuous spectrum. Consequently, the temperatures in
dicated by the lines tend to be a little lower than the temperatures 
indicated by the continuous spectrum. 

There is also in use a scale of temperatures which rests upon the 
application of Μ. N. Saha's ionization equation. This formula con
nects the ratio of the numbers of ionized to un-ionized atoms with the 
temperature of the medium and the pressure of the free electrons in it. 
Using the same logarithmic form in which we described the Boltz-
mann relation, we can write the ionization equation in the following 
form: 

«+ 5040 5 
log — />,= —I _+ £ log T - 0.48. 

η T 2 

In this case we designate by n+ the number of ionized atoms and by 
η the number of un-ionized atoms; pe is the electron pressure and I is 
the ionization potential. We have neglected a small numerical con
stant which should be added to the right-hand side of the equation 
and which depends upon the statistical weights of the various states 
of the ionized and unionized atoms. The form of the ionization equa
tion is considerably more complicated than that of the Boltzmann 
relation. The latter involves only the temperature, T, the former 
depends not only upon the temperature but also upon the electron 
pressure. In some rather important cases we can determine the elec
tron pressure by means of other considerations. For example, from 
the measurements of the Stark effect of the hydrogen and helium lines 
we can often find directly the electron densities and hence the corre
sponding pressures. When that has been done it is necessary only to 
measure the ratio n+/η by comparing the lines of an un-ionized and 
an ionized atom. For example, we might measure the intensities of 
the lines H and K of Ca π and of the resonance line of Ca ι λ 4226. 
If we have carried out this measurement in a single star, the ioniza-
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tion equation does not directly lead to the determination of T. But 
if we know, in addition, the transition probabilities corresponding to 
the two sets of lines, then the ratio n+/n can be immediately deter
mined and this leads to the determination of T. If the transition 
probabilities are not accurately known—and unfortunately that hap
pens in a great majority of the astronomically important atoms—· 
then we must resort to a different method, which consists in measur
ing the same pair of lines in two different stars. For example, we 
could measure a line of Fe π and a line of Fe ι in the sun and in some 
other star, such as Procyon. By taking differences, as we did in the 
case of the Boltzmann formula, we eliminate the uncertainties of the 
transition probabilities and thus find T. 

But we must be careful not to underestimate the importance of the 
electron pressure. For stars which are dwarfs and are located on the 
main sequence of the Hertzsprung-Russell diagram, R. H. Fowler 
and E. A. Milne long ago found empirically that pe remains approxi
mately constant. Making the assumption that this constancy is a 
characteristic phenomenon along the entire main sequence and is 
equal to the electron pressure in the sun, namely approximately 100 
dynes per square centimeter (or IO-4 atmospheres), they derived a 
sequence of temperatures which has been described as the ionization 
temperature scale of the stars. In a more recent discussion, A. Panne-
koek has derived the ionization temperature scale separately for the 
dwarfs and for the giants. For each group he used a constant value 
of the acceleration of gravity, rather than a constant value of the 
electron pressure. He adopted log g = 4.4 for the main-sequence 
stars and log g = 2.4 for the giants. Fortunately, we can test the 
accuracy of a temperature scale determined by one of the indirect 
methods by computing the effective temperatures from the lumi
nosities and radii of several eclipsing variables. As we have already 
remarked several times, the luminosity L = 4iri?VT*e

4. If the lumi
nosity and the radius are expressed in terms of the sun we have 

In the case of an eclipsing variable the radii can be determined in 
terms of the distance between the centers of the two stars, as we had 
sketched it in the case of Epsilon Aurigae on page 4; but if, in addi
tion, we know this separation in kilometers, which is always the case 
when a complete velocity-curve of both components of the binary is 
available, then we have all the data necessary to compute the effec
tive temperatures. In a general way, we can say that the Tesultswof 
the various methods agree reasonably well, and a reliable tempera-
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ture scale is now available for all stars except those of the earliest 
spectral types and a few small groups of very peculiar objects. 

In place of the effective temperature it is often convenient to use 
an observational characteristic which can be directly determined 
from the spectra of the stars. This characteristic is described as the 
spectral type and it is indicated by a capital letter, Ο, B, A, F, G, K, 
M, N, R, or S. The order of the letters is not important: it arose his
torically from the manner in which the separate classes were discov
ered at the Harvard Observatory. It is essentially based upon the 
ionization in the atmosphere of the star and is therefore a measure 
not only of the temperature but also of the pressure in the star's at
mosphere. However, in actual practice the spectral types were deter
mined by means of the intensities of the more conspicuous absorption 
lines; and since these intensities depend upon the temperature and 
the pressure in a slightly different manner, a compromise has been 
effected so that the overwhelming majority of the stars can be ar
ranged in two sequences, the giants and the dwarfs. Within each 
sequence the intensities of the spectral absorption lines change in a 
smooth manner so that for any given set of intensities the correspond
ing spectral type, and hence the temperature, may be inferred. Be
cause of the lower pressure in the atmosphere of a giant star the 
ionization in its atmosphere is higher than in that of a dwarf. But in 
assigning a giant to a certain spectral type we have attempted to 
smooth out such differences. For example, we have used approxi
mately similar ratios of intensities for giants and for dwarfs. As a 
consequence the giants have a somewhat lower temperature for any 
given spectral type than the dwarfs. The exact relation between 
temperature and spectral type has been carefully investigated so that 
for any normal dwarf or giant it is sufficient to determine the spectral 
type in order to know its temperature. We must remember, however, 
that there are a few unusual stars within our galaxy in which the 
ionization is anomalous and we cannot rely upon it to give us a de
pendable estimate of the temperature. The greatest uncertainty 
affects the Wolf-Rayet stars and the nuclei of some planetary nebulae. 
The spectra of these objects have strong emission lines of atoms in 
high stages of ionization. A method originally proposed by H. Zanstra 
and D. H. Menzel, and developed by the former, gives the tempera
ture by assuming that the ultraviolet radiation of the star beyond the 
Lyman limit at λ 911 is completely absorbed in a nebular shell and 
is ultimately radiated by the latter in the form of Balmer emission 
lines. A modification of Zanstra's method by K. Wurm and T. L. 
Page has given values of the order of 200,OOO0K for some objects. 
Yet, these objects are not characterized by absorption lines that sug-
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gest a correspondingly high degree of ionization. For example, some 
Wolf-Rayet stars have the higher members of the Balmer series in 
absorption. The ionization is not high enough to completely ionize 
all H atoms. Perhaps we must be prepared to recognize the possi
bility of high ionization in a shell without a correspondingly high 
temperature of the exciting stellar radiation. This is illustrated by 
the solar corona in which emission lines of [Fe xiv] are found, despite 
the fact that the continuous radiation of the sun computed with 
T = 6000° is exceedingly weak at those wave lengths which are re
quired to remove 13 electrons from the atom of iron. Table I is suffi
cient for our purpose. It gives the approximate temperature of a 
star from type O to type M8. For stars of type GO, and cooler, we 
make a distinction between the giants and the members of the main 
sequence, or dwarfs, while for stars of earlier type a single scale is 
sufficient. 

TABLE I 

THE STELLAR TEMPERATURE SCALE 

Main Sequence, Giants, 
Temperature Temperature 

30,OOO0K — 
21,000oK — 
14,000oK — 
10,6000K — 
8,2000K — 
7,100°K — 
6,3000K — 
5,750°K 5,3000K 
5,4000K 4,5000K 
4,900°K 4,000°K 
4,300°K 3,200°K 
3,4000K 3,000oK 
2,870°K 2,810°K 

— 1,780°K 

4. The Masses of the Stars 

Our last concern is with the masses of the stars. This quantity is 
available only if the star is a member of a binary system and if orbital 
motion within the system has been measured. 

The only source of information which we have for the determina
tion of the masses of the stars is obtained from the observations of 
double stars, visual as well as spectroscopic. All of these determina
tions are based upon the application of Kepler's third law, which 
reads as follows: "The squares of the periods of the planets are pro
portional to the cubes of their mean distances from the sun." If we 
designate by h and Z2 the periods of two planets in the solar system 
and by a\ and a2 their mean distances from the sun, then we can write 

Spectral 
Type 
0 5 . . .  
BO.. . 
B5.. . 
A O . . .  
P A . . .  
F0.. . 
F 5 .  .  .  
G O . . .  
G 5 . . .  
K 0 . . .  
K 5 . . .  
M 0 . .  
M2. . 
M8.. 
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: i2
2 = «ι3 : ai· 

From this law Newton inferred that the forces acting on the planets 
are inversely proportional to the squares of their distances and di
rectly proportional to their masses., If we are now concerned with a 
pair of stars forming a binary system and assume that their motions 
are also determined by Newton's law of gravitation, then by means 
of Kepler's third law we can immediately write 

Mi + SK2 = 

sun + earth P2  

where 2¾ and SK2 are the masses of the two stellar components, A is 
the distance between the two stars expressed in astronomical units, 
and P is the period of the binary system in years. Since the mass of 
the earth is negligible in comparison to the mass of the sun, we can 
simply write 

+ M2 a3 

M0 tAP2' 

where we have inserted in place of A the ratio α/τ and where π is the 
parallax of the star. By means of this expression it is easy to determine 
the total masses of visual double stars if we know the orbital elements 
and the distances. In some cases we can also determine the mass 
ratios of the components. This, however, is possible only if we can 
refer the motions of the two components to their center of gravity, 
instead of referring the fainter component to the brighter component, 
as is usually done. For example, on photographic plates obtained 
with a large telescope, it is often possible to measure the motions of 
the two stellar components with respect to a field of faint stars form
ing the background. In this manner we can determine the apparent 
ellipses of each component separately, and from the ratio of the axes 
of these two ellipses we immediately find the ratio of the masses. 

Another very interesting method depends upon the observation of 
spectroscopic binaries. In such a system we observe, by means of the 
Doppler effect, the velocity with which one component or sometimes 
both components revolve with regard to the observer. If the two 
components of the spectroscopic binary are sufficiently bright to 
record their spectra simultaneously then we observe double lines at 
certain phases in the orbit. These double lines can be measured with 
respect to the comparison spectrum produced at the telescope, and 
from the amplitude of the oscillation we determine the velocity in 
the orbit. If we assume for a moment that the orbit is circular, then 
the orbital velocity, usually described by the letter K, is given by the 
expression 


